Aims. Many topical astrophysical research areas, such as the properties of planet host stars, the nature of the progenitors of different types of supernovae and gamma ray bursts, and the evolution of galaxies, require complete and homogeneous sets of stellar models at different metallicities in order to be studied during the whole of cosmic history. We present here a first set of models for solar metallicity, where the effects of rotation are accounted for in a homogeneous way. Methods. We computed a grid of 48 different stellar evolutionary tracks, both rotating and non-rotating, at Z = 0.014, spanning a wide mass range from 0.8 to 120 M ⊙ . For each of the stellar masses considered, electronic tables provide data for 400 stages along the evolutionary track and at each stage, a set of 43 physical data are given. These grids thus provide an extensive and detailed data basis for comparisons with the observations. The rotating models start on the zero-age main sequence (ZAMS) with a rotation rate υ ini /υ crit = 0.4. The evolution is computed until the end of the central carbon-burning phase, the early asymptotic giant branch (AGB) phase, or the core helium-flash for, respectively, the massive, intermediate, and both low and very low mass stars. The initial abundances are those deduced by Asplund and collaborators, which best fit the observed abundances of massive stars in the solar neighbourhood. We update both the opacities and nuclear reaction rates, and introduce new prescriptions for the mass-loss rates as stars approach the Eddington and/or the critical velocity. We account for both atomic diffusion and magnetic braking in our low-mass star models.
Introduction
Even if stellar physics has already a well-established history, which has allowed this area of research to reach a high level of sophistication, many surprises and challenges continue to stimulate ongoing studies. For instance, Asplund et al. (2005) proposed a revision of the present-day surface solar abundances which restores the compatibility of the composition of our star with the one observed in B-type stars in its vicinity. However these abundances pose some difficulties when attempting to explain the helioseismic observations, which may indicate that some pieces of physics are still missing in solar models (e.g. Turck-Chièze et al. 2011 , and references therein). New massloss rates (in general lower than the previous ones) have been proposed for the main-sequence (MS) and Wolf-Rayet (WR) phases (Bouret et al. 2005; Fullerton et al. 2006 ) making it more difficult to explain for instance the formation of WR stars, at least in the framework of the single star scenario. Changes in the abundances are observed at the surface of stars, which implies that mixing processes operate in radiative zones (see e.g. Przybilla et al. 2010 ). The origin of the variation with metallicity in the number ratio of blue to red supergiants still lacks a general explanation (Meylan & Maeder 1982; Langer & Maeder 1995; Eggenberger et al. 2002) . These have been only a few illustrations the fact that, although many aspects of the evolution of stars are well understood, important problems remain unsolved.
Significant progress is now achievable using observations. Multi-object spectrographs can acquire data for large numbers of stars, unveiling an unprecedentedly detailed view of how some stellar features vary as a function of mass, age, and metallicity.
Techniques such as asteroseismology, spectropolarimetry or interferometry provide complementary insight, making it possible to obtain information on features such as the size of the convective cores, the internal rotation laws, the surface magnetic fields, and the shapes of the stars and their winds, which were completely out of reach only a few years ago (Cunha et al. 2007; Walder et al. 2011) .
In the near future, the ESA new satellite GAIA will provide data for large fractions of stars in our Galaxy to help enhance our knowledge of its evolutionary history (see e.g. Cacciari 2009 ).
Stellar models play a crucial role in extracting from observations the physical quantities needed to enhance our knowledge. Therefore, improvements of the observing facilities should be accompanied by improvements in the stellar models. In the past decade, the effects of axial rotation have been studied extensively by many groups (Heger & Langer 2000; Palacios et al. 2003; Talon & Charbonnel 2005; Denissenkov & Pinsonneault 2007, Chieffi & Limongi, in prep.) . It does appear that rotation has an impact on all outputs of stellar models , such as lifetimes, evolutionary scenarios, or nucleosynthesis, thus on many outputs of both population synthesis models and chemical evolution models of star clusters (Decressin et al. 2007 ), starbursts, and galaxies (Chiappini et al. 2006; Vázquez et al. 2007) .
Grids including rotation have so far been focused on some limited mass intervals. Since the grids published by the different research groups differ in terms of their input physical ingredients (overshooting, mass loss, nuclear reaction rates,...) or the way in which the effects of rotation are taken into account (expressions of the diffusion coefficients, treatment of the angular momentum equation), their results cannot be combined to provide a coherent and homogeneous picture. In the present series of papers, our ambition is to construct a new database of evolutionary models incorporating the main improvements made in recent years to stellar ingredients and accounting in particular for the effects of axial rotation. We take care to compute the models in a homogeneous way allowing us to provide a coherent and consistent view over an extended mass and metallicity range. In this first paper, we focus on solar metallicity models.
The paper is structured as follows: the physical ingredients of the models are discussed in Sect. 2. The computed stellar models and the electronic tables, which we make publicly available via a web page, are presented in Sect. 3. The properties of the non-rotating (or initially slowly rotating) tracks are discussed in Sect. 4, while the rotating tracks are presented in Sect. 5. We briefly conclude in Sect. 6.
Physical ingredients of the models

Abundances, opacities, and equation of state
The initial abundances of H, He, and metals are set to X = 0.720, Y = 0.266, and Z = 0.014. We obtained these initial abundances by calibrating a 1 M ⊙ model including atomic diffusion to reproduce the abundances measured at the surface of the Sun, as well as the solar radius and luminosity after 4.57 Gyr. The mixture of heavy elements is assumed to be that of Asplund et al. (2005) except for the Ne abundance, which is taken from Cunha et al. (2006) . Interestingly, the abundances correspond to the measured abundances in young massive stars of the solar neighbourhood (see Asplund et al. 2009, their Table 4 ). The detailed element abundances are presented in Table 1 . We note that the isotopic ratios are taken from Lodders (2003) .
The opacities are generated with the OPAL tool 1 (based on Iglesias & Rogers 1996) for this particular mixture. They 1 http://adg.llnl.gov/Research/OPAL/opal.html are complemented at low temperatures by the opacities from Ferguson et al. (2005) adapted for the high Ne abundance. Solar-type models with M < 1.25 M ⊙ are computed with the OPAL equation of state (Rogers & Nayfonov 2002) . For the higher mass models, the EOS is that of a mixture of perfect gas and radiation, and account for partial ionisation in the outermost layers, as in Schaller et al. (1992) , and for the partial degeneracy in the interior in the advanced stages.
Nuclear reaction rates
The nuclear reaction rates are generated with the NetGen tool 2 . They are taken mainly from the Nacre database (Angulo et al. 1999) , although some have been redetermined more recently and updated. We list them below, with a comparison to NACRE values and a short description of the effects on stellar evolution. Mukhamedzhanov et al. (2003) . It is about half the NACRE value for temperatures below 10 8 K, and compares well with other determinations such as Angulo & Descouvemont (2001) or Lemut et al. (2006) . This reaction is the slowest of the CNO cycle. In the low-mass domain, the effects of lowering this rate have been studied by Imbriani et al. (2004) and Weiss et al. (2005) . They describe a slower H-burning process, and shallower temperature profiles leading to a more extended and slightly hotter core. The turn-off point is shifted towards a higher luminosity. In the intermediate-mass domain, the studies of Herwig et al. (2006) and Weiss et al. (2005) show that with 3 lower rates, the MS evolution occurs at a higher luminosity, and that later, the blue loops during core He burning get significantly shorter.
The rate of 4 He(αα, γ) 12 C is taken from Fynbo et al. (2005) . This rate is around twice the NACRE value below 25 · 10 6 K, slightly lower than NACRE between 25 · 10 6 and 10 8 K, similar to NACRE between 10 8 and 10 9 K, and a tenth of the NACRE value above 10 9 K. The effects of this new rate on stellar evolution were studied by Weiss et al. (2005) and Herwig et al. (2006) for intermediate-mass stars. The differences are extremely small in this mass range. In the massive star domain, a lower rate in the temperature range of core He burning is expected to lead to a slightly larger core at the end of the evolution, with a low C/O ratio, and slightly lower 12 C yields ). The uncertainties in this rate, as well as the 12 C(α, γ) 16 O rate, is shown by Tur et al. (2009 Tur et al. ( , 2010 to strongly affect the production of the medium-weight nuclei and the the weak s-process nuclei.
The rate of 12 C(α, γ) 16 O is taken from Kunz et al. (2002) . It is around 0.6-0.8 times the NACRE value below 6 · 10 8 K, and around 1.1-1.4 times the NACRE value above this temperature. Both Weaver & Woosley (1993) and Imbriani et al. (2001) explored the effects of varying this rate. A higher rate in the Heburning temperature range leads to larger cores, lower 12 C, and higher 16 O yields. The rate of 22 Ne(α, n) 25 Mg is taken from Jaeger et al. (2001) . It is around 0.6 times the NACRE value below 6 · 10 8 K. While there is little effect on stellar evolution, the ratio of the isotopes of Mg are modified (Karakas et al. 2006) , and less 25 Mg and 26 Mg is produced. This reaction is a neutron source for the s-process, and The et al. (2007) studied the consequences of reducing its rate, which they found would lead to a significant reduction in the s-process efficiency during core He burning.
We note that the expected impact of the updated nuclear reaction rates is small and dwarfed by the effect of other modifications.
The models of massive stars (M > 9M ⊙ ) were computed by incorporating the NeNa-MgAl cycle. For this sub-network, the NACRE rates were also used, except for two reactions that were updated:
21 Ne(p, γ) 22 Na (Iliadis et al. 2001 ) and 22 Ne(p, γ) 23 Na (Hale et al. 2002) . The updated reaction rates do not have a significant effect on the structure and evolution of the models. The effects of rotation and these new rates on the nucleosynthesis, in particular that of the s-process, will be discussed in a forthcoming paper (Frischknecht et al, in prep.) .
The energy loss in plasma, pair, and photo-neutrinos processes are taken from Itoh et al. (1989) and Itoh et al. (1996) .
Convection and diffusion
The convective zones are determined with the Schwarzschild criterion. For the H-and He-burning phases, the convective core is extended with an overshoot parameter d over /H P = 0.10 from 1.7 M ⊙ and above, 0.05 between 1.25 and 1.5 M ⊙ , and 0 below. If d over exceeds the dimension of the convective core R cc , then the total extension of the convective core is given by R cc (1 + d over /H P ). This procedure avoids any core-extension amplitude larger than the radius of the initial core. The value of the overshoot parameter was calibrated in the mass domain 1.35 − 9 M ⊙ to ensure that the rotating models closely reproduce the observed width of the MS band.
In Fig. 1 , we compare the MS bandwidth of the present models with that in the models published in Schaller et al. (1992) . Our new models concur to a slightly narrower MS width than Fig. 1 . Comparison of the MS band between the present rotating models (solid black line) and the non-rotating models of Schaller et al. (1992) (long-short dashed blue line). Schaller et al. (1992) , which provided a good fit to the observed MS width (see the discussion in Schaller et al. 1992 ). However, since stars have a distribution of initial rotation velocities, stars at the end of the MS phase will scatter around the limit shown by our moderately rotating models, more rapid rotators lying beyond it and slightly enlarging the MS width. A more detailed discussion and a comparison of the MS width obtained from our models with observations are provided in Sect. 5.1. We note for now that the combined effects of rotational mixing and of an overshoot of 0.1 mimic the effects obtained in models with no rotational mixing and a stronger overshoot of 0.2 (used in the 92's models). This is of course expected because rotational mixing also contributes to making the convective cores larger at a given evolutionary stage. This effect was discussed in .
The outer convective zone is treated according to the mixing length theory, with a solar calibrated value for the mixing-length parameter of the low-mass stars (α MLT ≡ ℓ/H P = 1.6467). For more massive stars, i.e. for stars with M > 1.25 M ⊙ , the difference in the EOS implies a slightly lower value for this parameter: α MLT = 1.6. In Fig. 2 , we see that the present models closely reproduce the positions of both the red giant branch and the red supergiants, supporting the choices made for the value of the mixing length.
For the most luminous models, the turbulence pressure and acoustic flux need to be included in the treatment of the envelope. As in Schaller et al. (1992) , this is done according to Maeder (1987 , see also Maeder 2009 , using a mixing length taken on the density scale: α MLT = ℓ/H ρ = ℓ(α − δ∇)/H P = 1. The use of ℓ/H ρ instead of ℓ/H P removes the risk of having an unphysical density inversion in the envelope (Stothers & Chin 1973) . The side effect of this treatment is that the redward extension of the tracks in the HertzsprungRussell (HR) diagram is reduced by 0.1-0.2 dex in T eff (see Maeder & Meynet 1987) , which is why we apply it only to the Fig. 2 . Evolutionary tracks for rotating models in the red part of the HR diagram. In the low mass range, a few non-rotating tracks (dashed lines) are shown. The grey shaded areas indicate the observations in clusters and associations as given in Maeder & Meynet (1989) as well as the position of Galactic red supergiants obtained by Levesque et al. (2005, red circles) . models with M ≥ 40 M ⊙ , which do not extend to the extreme red part of the HR diagram.
Low-mass stellar models with M < 1.25 M ⊙ are computed with the effect of atomic diffusion caused by both concentration and thermal gradients (see Eggenberger et al. 2008 , for more details).
Rotation
The treatment of rotation was developed in a series of papers published previously by our group (Maeder 1999 (Maeder , 1997 Maeder & Zahn 1998; , 2000 . The interested reader may refer to these papers to get the full developments. We recall here the main aspects of this treatment.
Diffusion coefficients, meridional circulation
We first apply the shellular-rotation hypothesis, which postulates that in differentially rotating stars, the horizontal turbulence, i.e. the turbulence along an isobar, is very strong. This is expected because there is no restoring force in that direction, as the buoyancy force (the restoring force of the density gradient) acts in the vertical direction. Zahn (1992) relates the diffusion coefficient to the viscosity caused by horizontal turbulence
where c h is a constant of the order of 1 (here taken = 1), (von Zeipel 1924) , a rotating star cannot be locally in both hydrostatic and radiative equilibrium at the same time. This drives a large-scale circulation, known as the meridional circulation (or EddingtonSweet circulation, Eddington 1925; Sweet 1950) . Its vertical component is to first order u(r, θ) = U(r) P 2 (cos θ), where P 2 (x) is the second Legendre polynomial 3 . The formulation of the radial amplitude U(r) was determined by Zahn (1992) and Maeder & Zahn (1998) to be
where C P is the specific heat at constant pressure,
, and Θ =ρ/ρ is the ratio of the variation of the density to the average density on an equipotential. Both ϕ and δ arise from the generic equation of state
and E
⋆ Ω and E µ are terms that depend on the Ω-and µ-distributions respectively (see Maeder & Zahn 1998 , for details on these expressions).
We can then define an effective diffusion coefficient, D eff , which combines the effects of the horizontal diffusion and that of the meridional circulation as (Chaboyer & Zahn 1992 )
Differential rotation induces shear turbulence at the interface of layers that have different rotational velocities. A layer remains stable if the excess kinetic energy due to the differential rotation does not overcome the buoyancy force (known as the Richardson criterion). Shear arises when the thermal dissipation reduces the buoyancy force. The coefficient of diffusion by shear turbulence is determined by Maeder (1997) to be
where K = 4acT 3 3κρ 2 C P is the thermal diffusivity, f energ is the fraction of the excess energy in the shear that contributes to mixing (here taken = 1), and (∇ ′ − ∇) is the difference between the internal non-adiabatic gradient and the local gradient. We note that (∇ ′ − ∇) can be neglected in most cases. 3 The Legendre polynomials are a set of orthogonal functions used to solve Laplace's equation ∇ 2 Φ = 0 in spherical coordinates when there is azimuthal symmetry ∂ϕ = 0. The second-order Legendre polynomial is P 2 (x) = 
Transport mechanisms
The transport of angular momentum inside a star is implemented following the prescription of Zahn (1992) . This prescription was complemented by and Maeder & Zahn (1998) . In the radial direction, it obeys the equation
The first term on the right hand side of this equation is the divergence of the advected flux of angular momentum, while the second term is the divergence of the diffused flux. The coefficient D is the total diffusion coefficient in the vertical direction, taking into account the various instabilities that transport angular momentum (convection, shears). Chaboyer & Zahn (1992) show that the horizontal turbulence competes efficiently with the advective term of the meridional circulation for transporting the chemical species. The horizontal flow tends to homogenise the layer in such a way that the transport of chemical species by both meridional circulation and horizontal turbulence can be computed as a diffusive process with the coefficient D eff calculated in Eq. 3. The change in the abundance for a given chemical element i in the shell with Lagrangian coordinate r is thus:
where D is the same as in Eq. 5. The last term accounts for the change in abundance produced by nuclear reactions.
Angular momentum conservation
The final angular momentum content of the star (particularly the core content) is a key quantity for determining its final state (supernova, hypernova, gamma-ray burst, see e.g. Nomoto et al. 2005; Yoon et al. 2006 ). The conservation of angular momentum during the whole stellar evolution is therefore of prime importance. In the Geneva code, the angular momentum conservation is checked throughout the evolution of the star. During the computation of the models, there are two sources of variations in the total amount of angular momentum:
-A numerical variation, owing to unavoidable inaccuracies in the resolution of the advection-diffusion equation of the angular momentum transport and the structure of the code itself (Kippenhahn et al. 1967) : the envelope 4 is "floating" over the interior layers, and is assumed to rotate at the same angular velocity than the most superficial shell of the interior. Its angular momentum content is therefore imposed by what happens in the interior. For the total angular momentum of the star to remain constant, a correction needs to be applied (see below).
-An angular momentum loss due to the mass loss of the rotating star, where the stellar winds carry away some amount of momentum.
Knowing the mass-loss rateṀ of the star (as a function of stellar parameters such as the luminosity, the effective temperature, and the chemical composition of the surface, cf.
Sect. 2.6.1), it is possible to compute the amount of angular momentum ∆L winds carried away by the stellar winds during the current time step ∆t
where Ω S is the angular velocity of the surface, and r * the stellar radius. We also assumed that the mass loss is spherically symmetric, even if some anisotropy may develop. Georgy et al. (2011) demonstrated that this assumption leads to only small errors, particularly for stars that remain far from the critical rotation 5 , as in this work. Starting from the total angular momentum L ini of the model at the time step n − 1, the angular momentum conservation ensures that the expected angular momentum at the end of the n th time step should be
As discussed above, the final angular momentum L ob fin obtained after the whole computation of the structure differs usually from the expected one L 
where L e and L i are the angular momenta of the envelope and the i th shell, respectively. A detailed description of the method can be found in Georgy (2010) .
The choice of N corr is fixed, and corresponds roughly to the zone that can be reached by the advection-diffusion of the angular momentum during one characteristic time step.
Magnetic field
We accounted for neither a dynamo mechanism in the stellar interior, nor any strong fossil field that would impose solid body rotation. Our present knowledge of the dynamo theory is too uncertain (Zahn et al. 2007) , and the observational constraints from spectropolarimetry remain too weak to account for these effects in a reliable way. According to , an internal magnetic field produces a strong internal coupling, which keeps the star at a higher surface rotational velocity throughout the whole MS. This may provide an interesting test of whether a significant internal magnetic coupling is present.
We note that the main reasons for introducing the effects of internal magnetic fields that would enforce solid body rotation during the MS phase come from essentially two directions: to provide first an explanation for the flat rotational profile in the Sun (Brown et al. 1989; Kosovichev et al. 1997; Couvidat et al. 2003; Eggenberger et al. 2005) , and second, a more efficient mechanism for slowing down the cores to explain the observed rotation rates of young pulsars (Heger et al. 2005 ) and white dwarfs (WD, Suijs et al. 2008 ). The problems of the rotational 5 The critical velocity is reached when the gravitational acceleration is exactly counterbalanced by the centrifugal force. In the framework of the Roche model, one has υ crit = 2 3 GM R pb , where R pb is the polar radius at the critical limit.
profile of the Sun and the spin rate of pulsars might not be linked, since the physics of solar-type stars have peculiarities that are not shared by the massive ones. We note that in both questions (solar profile and pulsar rotation), alternative models have been suggested to reconcile the models with the observations: the flat solar rotational profile could be due to angular momentum transport by gravity waves (Schatzman 1993; Zahn et al. 1997; Talon et al. 2002; Talon & Charbonnel 2005) , the young pulsars may have slower rotational velocities than predicted by stellar evolution models because of some efficient braking mechanism occurring at the time of the supernova explosion (for instance, the propeller mechanism, see Illarionov & Sunyaev 1975; Alpar et al. 2001) or during the evolution of the neutron stars in the period preceding the time when the pulsar is observed (Thompson et al. 2004; Woosley & Heger 2004) . While kicks are not likely to occur in WD formation, surface magnetic braking (see next paragraph) might provide a solution to the problem of the low-mass WD spin rates (see the 1 M ⊙ model of Suijs et al. 2008) . For all these reasons, we see no real compelling reasons to account for either a dynamo mechanism in the internal radiative zones or the effects of a strong fossil internal magnetic field. In support of this view are the few but steadily increasing pieces of observational evidence now coming from asteroseismology for differential rotation in B-type stars (Suárez et al. 2007; Thoul 2009; Kawaler 2009 ).
Surface magnetic fields are however expected to produce a magnetic braking of stars that have a significant outer convective zone on the main sequence, hence magnetic braking has thus far been applied to models with M ini < 1.7 M ⊙ . We adopt the braking law of Krishnamurthi et al. (1997) where we calibrated the braking constant to ensure that the 1 M ⊙ rotating model reproduces the solar surface rotational velocity after 4.57 Gyr. We did not account for surface magnetic braking in more massive stars, although there is, in at least one case, evidence of magnetic braking (Townsend et al. 2010) . Again, this effect needs to be studied in greater detail before being incorporated into the regular models and we defer a more detailed study of the consequences of this effect to a future paper.
Mass loss
Mass loss is a key ingredient governing the evolution of stars. Including it in stellar models relies on prescriptions proposed by both observers and theorists and based on fundamental stellar parameters. The prescriptions implemented in our models are described below.
Radiative mass loss
On the MS, stars with masses below 7 M ⊙ are computed at constant mass. Above 7 M ⊙ , the radiative mass-loss rate adopted is from Vink et al. (2001) . In the domains not covered by this prescription, we use de Jager et al. (1988) .
For red (super)giants, we use the Reimers (1975 Reimers ( , 1977 formula (with η = 0.5) for stars up to 12 M ⊙ . The de Jager et al. (1988) prescription is applied for masses of 15 M ⊙ and above, to models with log(T eff ) > 3.7. For log(T eff ) ≤ 3.7, we perform a linear fit to the data from Sylvester et al. (1998) and van Loon et al. (1999) (see Crowther 2000) . The WR stars are computed with Nugis & Lamers (2000) prescription, or the Gräfener & Hamann (2008) recipe in the small validity domain of this prescription. In some cases, the WR mass-loss rate of Gräfener & Hamann (2008) is lower than the rate of Vink et al. (2001) . In these cases, we use the Vink et al. (2001) prescription instead of that of Gräfener & Hamann (2008) . Both the Nugis & Lamers (2000) and Gräfener & Hamann (2008) massloss rates account for some clumping effects (Muijres et al. 2011) and are a factor of two to three lower than the rates used in the normal case of Schaller et al. (1992) grid.
For rotating models, we applied to the radiative mass-loss rate the correction factor described in 
where Γ = L/L Edd = κL/(4πcGM) is the Eddington factor (with κ is the electron-scattering opacity), and α the force multiplier parameter depending on T eff .
Supra-Eddington mass loss
For some stellar models, particularly for massive stars (> 15 M ⊙ ) in the red supergiant phase, some of the most external layers of the stellar envelope might exceed the Eddington luminosity of the star L Edd = 4πcGM/κ. This is due to the opacity peak produced by the variation in the ionisation level of hydrogen beneath the surface of the star. The high opacity decreases the Eddington luminosity in these layers, possibly to fainter levels than the actual stellar luminosity, a situation that may have many consequences (Maeder 2009 ). To account for this unstable situation (which is not solvable with our hydrostatic approach), we artificially increase the mass-loss rate of the star (computed according to the prescription described in Sect. 2.6.1) by a factor of 3, whenever the luminosity of any of the layers of the envelope is higher than five times the Eddington luminosity. Very interestingly, the time-averaged mass-loss rate of the 20 M ⊙ model in the red supergiant phase (i.e. when log(T eff ) is inferior to 3.65) is between log(Ṁ) = −4.8 and −4.6 [M ⊙ yr −1 ] (similar values are obtained for the rotating and the non-rotating model). These values are about one order of magnitude higher than the mass-loss rates used for the same phase in Schaller et al. (1992) taken from de Jager et al. (1988) and are compatible with the more recent mass-loss rates for red supergiants obtained by van Loon et al. (2005) . These new higher mass-loss rates during the red supergiant stage have important consequences for the blue to red supergiant ratio, the minimum mass of stars evolving into the Wolf-Rayet phase, and the type of supernova that these stars will produce. We briefly discuss these points in Sect. 5.5.
Mechanical mass loss
We call mechanical mass loss,Ṁ mech , the mass per unit time lost equatorially when the surface velocity of the star reaches the critical velocity, whereṀ mech is determined by the angular momentum that needs to be lost to ensure that the surface velocity remains subcritical. The matter might be launched into an equatorial Keplerian disk, a subject that will be studied in a forthcoming paper (Georgy et al. in prep.) .
The computational method used to estimate the equatorial, mechanical mass loss is detailed in Georgy (2010) . Since the initial velocity we have chosen for this grid is moderate, none of our models reach the critical limit during the MS. Only the 9 M ⊙ model reaches it briefly during its Cepheid blue loop, losing at most 10 −3 M ⊙ in the process. In Georgy et al. (in prep) , we will consider the case of more rapid rotators, which reach the critical limit on the MS.
The stellar models and electronic tables
Models of 0.8, 0.9, 1, 1.1, 1.25, 1.35, 1.5, 1.7, 2, 2.5, 3, 4, 5, 7, 9, 12, 15, 20, 25, 32, 40, 60, 85 , and 120 M ⊙ are presented. For each mass, we computed both a rotating and a non-rotating model. The rotating models start on the zero-age main-sequence (ZAMS) with a value of υ ini /υ crit = 0.4. We decided to compute the rotating models at a given υ ini /υ crit ratio rather than a given initial equatorial velocity because the effects of rotation are linked to this ratio, and the critical velocity υ crit depends on the mass of the model. For such a widespread mass domain, a given velocity would thus correspond to very different υ/υ crit ratios between the different masses considered. It would even correspond to an over-critical velocity for some low-mass models. The choice of υ ini /υ crit = 0.40 is based on the peak of the velocity distribution of young B stars in Huang et al. (2010, see their Fig. 6 ). This initial rotation rate corresponds to mean MS velocities of between 110 and 220 km s −1 for the stars that are not magnetically braked (M ini ≥ 1.7 M ⊙ ). These values are well within the range of those observed in the Galaxy (Dufton et al. 2006; Huang & Gies 2006 ).
The models are evolved up to the end of the core carbon burning (M ini ≥ 12 M ⊙ ), the early asymptotic giant branch
Electronic tables of the evolutionary sequences are available on the web 6 . For each model, the evolutionary track is described by 400 selected data points, each point corresponding to the state of the considered star at a given age. The points of different evolutionary tracks with the same line number correspond to similar stages to facilitate the interpolation between the tracks. The points are numbered as follows: For the stars that do not have a certain characteristic, we search for the closest (in mass) stellar model with that feature. The corresponding data point is then determined by the central abundance of the main fuel at that phase in this closest model. For example, the 12 M ⊙ model does not evolve through the blue loop of a Cepheid. In this model, the point 280 is determined by the central mass fraction of He at the maximal extension of the loop in the 9 M ⊙ model, which is the closest model with a loop. For the stars that do not go through all the burning phases, the last line of their evolution is repeated up to line 400, so we keep the same size for all the electronic tables. Isochrones are also provided (see Fig. 3 ) on the same webpage. We present the surface properties of the models at the given age, such as L, T eff , R, log g, surface abundances, rotational characteristics, as well as colour-magnitude values, such as M bol , M V , U − B, B − V, and B2 − V1 (conversions from Böhm-Vitense 1981; Flower 1977; Sekiguchi & Fukugita 2000; Malagnini et al. 1986; Schmidt-Kaler 1982) . Table 2 presents the general characteristics of all the models at the end of each burning phase. After the initial mass, initial velocity, and mean velocity on the MS (col. 1 to 3), we give for each burning phase its duration (col. 4, 10, and 16), the total mass (col. 5, 11, and 17), the equatorial velocity (col. 6, 12, and 18), the surface He abundance in mass fraction (col. 7, 13, and 19) , and the surface abundances ratios N/C (col. 8, 14, and 20) and N/O (col. 9, 15, and 21) .
When calculating the lifetimes in the central burning stages, we consider the start of the stage as the time when 0.003 in mass fraction of the main burning fuel is burnt. We consider that a burning stage is finished when the main fuel mass fraction drops below 10 −5 . Table 3 offers a piecewise linear fit to calculate the MS duration from the mass of the star in the form log(τ H ) = A · log(M/M ⊙ ) + B. The coefficients depend on the mass domain considered. As expected, the lifetime of stars decreases sharply with increasing stellar mass (A≃ −3) in the low mass star regime and the dependence becomes milder (A≃ −1) in the massive star regime. The dispersion around the coefficients is also given in Table 3 , and amounts at most to 0.025.
Properties of the non-rotating models
The present non-rotating tracks can be used for three different purposes: first they can be considered as describing the evolution of slowly rotating stars, i.e. of stars rotating slowly enough for their outputs to be little affected by rotation. Second they allow comparisons with non-rotating evolutionary tracks that were published previously. Third, since they were computed with ex- actly the same physics as the rotating tracks, they offer a comparison basis for studying the effects of rotation. The tracks in the HR diagram for the non-rotating models are presented in Fig. 4 . For the morphology of the tracks, we note the following features (going from the massive to the low-mass stars):
-Owing to the effect of mass loss and high luminosity and L/M ratio, the MS band widens between 40 and 120 M ⊙ , showing a bump around 60 M ⊙ extending to low effective temperatures down to log(T eff ) = 4.1. -The maximum luminosity of red supergiants is expected to be around log(L/L ⊙ ) = 5.7. -Stars with initial masses between 25 and 40 M ⊙ evolve back to the blue after a red supergiant phase. -Extended blue loops, crossing the Cepheid instability strip, occur for masses between 5 and 9 M ⊙ . -The tip of the red giant branch, i.e. the luminosity at which the He-flash occurs is around log(L/L ⊙ ) = 3.4 for stars in the mass range between 1.35 and 1.7 M ⊙ .
In Figure 4 , the colour code indicates the ratio of the nitrogen to the hydrogen number abundances at the surface of the stars, on a logarithmic scale (the initial value is log(N/H) + 12 = 7.78). No changes in the surface abundances are expected during the MS phase for stars less massive than 60 M ⊙ . Above that mass limit, the stellar winds are sufficiently strong to uncover nuclearprocessed layers already during the MS phase. We note that when the hydrogen surface abundance is between 0.1 and 0.4 (in mass fraction), i.e. when the star is in the first part of the WNL phase, we have log(N/H) + 12 ≃ 9.2 − 9.8 (green portion of the tracks). In those parts, the N/C ratios (in number) are typical of the CNO equilibrium and between 70 and 130 (the initial value is N/C = 0.25).
For masses below about 40 M ⊙ , the changes in the surface abundances occur after the star has passed through the red supergiant or red giant stage. The 20 M ⊙ track is on the verge of evolving back to the blue. Its maximum N/C ratio is already around 70 and its maximum log (N/H)+12 is equal to 9. For masses equal to 15 M ⊙ and below, the maximum N/C and log (N/H)+12 values are below 3 and 8.6, respectively.
Since the Schaller et al. (1992) grids, many physical inputs have changed. The initial abundances have been revised, the opacities and reaction rates have been updated, the mass loss prescriptions are not the same, and the overshoot is different. For all these reasons, the comparison of the 92' results with the nonrotating models of the present work reveals many differences. Figure 5 compares the present non-rotating tracks and our previous 92's solar metallicity grid. The most striking difference (compare the long-dashed green curve with the dotted red curve) is the extension of the MS band which is reduced in the present grid as a consequence of the smaller core overshoot (0.10 in the present grid instead of 0.20 in the 92's one). The blue loop for the present 7 M ⊙ model is more extended and of lower luminosity, as expected for a smaller core overshoot and lower initial metallicity. The mass range going through a Cepheid loop has also changed: in the 92' grids, the 7 to 12 M ⊙ models pass through the Cepheid instability strip, while in the new grid the limits are shifted to 5 to 9 M ⊙ .
As shown in Fig. 6 (dotted red line), the duration of the MS is shorter in the new models, by about 15% for the lower masses, and 5% for the intermediate masses. Only the most massive models (M > 30 M ⊙ ) have a longer MS duration by about 4%, probably owing to the difference in the mass-loss rates. In contrast, the duration of the central He-fusion phases is longer in the new models, by 33-55% for the intermediate masses and 10-17% for the massive ones up to 40 M ⊙ . At yet higher masses, the He-burning duration is shorter by 7-26%. These differences are mainly due to changes in both the overshooting parameter (for masses below 40 M ⊙ ) and the mass-loss rates (for masses above 40 M ⊙ ). Figure 7 presents the final masses obtained for our models and the ones given in Schaller et al. (1992) . We see that for the lower mass range, the present models deviate from the slope one relation (grey line) at lower mass than the 92's models, typically around 15 M ⊙ instead of 25 M ⊙ . This is a consequence of the prescription adopted for the mass-loss rate during the red supergiant stage (cf. Sect. 2.6.2) which leads to stronger mass loss during that phase in the present models.
In the upper mass range (above 35 M ⊙ ), the present nonrotating models have higher masses at the end of the C-burning phase than the masses we obtained in 92. This is a consequence of the lower mass-loss rates used here during the Wolf-Rayet phases. 
Properties of the rotating models
Main sequence width
In Fig. 8 , we superimpose the evolutionary tracks of the present paper with rotation (solid lines) and without rotation (dashed lines) on the data points for the intermediate-mass mainsequence stars discussed in Wolff & Simon (1997) . We see that for masses above about 1.7 M ⊙ , non-rotating tracks computed with an overshoot parameter d over /H P = 0.10 predict a too narrow MS band, while the tracks computed with an average rotation and this same overshoot parameter closely fit the observed MS band. Thus, in this mass range, the effects of a moderate overshoot and rotational mixing closely fit the observations. For masses between 1.25 and 1.5 M ⊙ , the situation is much less clear: the non-rotating MS tracks are in general too narrow and the rotating ones too wide. This mass domain just corresponds to the upper mass range where magnetic braking comes into play. We note that with our present prescription for magnetic braking, calibrated for the solar case, the mean velocity during the MS phase is between 6 and 10 km s −1 . This is smaller than the average observed rotations for this mass range, which are between 10 and 40 km s −1 for field stars and between 20 and 130 km s −1 for cluster stars according to Wolff & Simon (1997) . Hence, it may be that the present models, in this mass range, overestimate the magnetic braking, as we will investigate in a future paper. Until then, we note that rotating and non-rotating models encompass the observed MS widths in this mass range.
de Meulenaer et al. (2010) , using asteroseismology, found that α Cen A (a G2V star with a mass of 1.105 ± 0.007 M ⊙ ) has observed asteroseismic properties that can be more accurately reproduced by models with no convective core confirming the choice we made to account for no overshoot in models below 1.25 M ⊙ . , and it is on the main sequence (at an age estimated to be around 2 Myr). If this star were a truly slow rotator (namely if the low υ sin i were not due to a sin i-effect and the star were throughout its lifetime a slow rotator), then the extension of the core would be entirely due to overshooting, with no or an extremely small contribution from rotational mixing. Very interestingly, their best-fit model gives a core overshooting parameter d over /H P = 0.10 ± 0.05, quite in agreement with the overshoot used in the present models. In contrast, Lovekin & Goupil (2010) , studying θ Ophiuchi, a MS ∼9.5 M ⊙ star with a υ sin i of 30 km s −1 , obtain an overshooting parameter equal to 0.28±0.05. If this star were a truly slow rotator, and thus the extension of the core due mainly to the overshooting process, the result obtained in this work would be at odds with our choice of overshooting parameter. This illustrates that despite many decades of discussion about the overshooting parameter, its precise value remains uncertain.
Hertzsprung-Russell diagram and lifetimes
The tracks in the HR diagram for all the rotating models are presented in Fig. 9 , with lines of iso-velocities drawn across the diagram. Compared to Fig. 4 , we note the following differences:
-There is no longer any widening of the MS band occurring around the 60 M ⊙ stellar model as in the non-rotating grid. This is a consequence of rotational mixing, which prevents any significant redward evolution during the MS phase. This shows that in this upper mass range, the MS band width is very sensitive to rotational mixing. Tables 1 and 2 of Wolff & Simon (1997) .
-The maximum luminosity of red supergiants is in the range log(L/L ⊙ ) = 5.2 − 5.4, hence is a factor of two inferior to the limit obtained with non-rotating models. This value closely agrees with the upper limit given by Levesque et al. (2005) . -Stars with initial masses between 20 and about 25 M ⊙ evolve back to the blue after a red supergiant phase. This range is between 25 and 40 M ⊙ in the non-rotating grid. -Extended blue loops, crossing the Cepheid instability strip occur for masses between 5 and 9 M ⊙ as for the non-rotating tracks. For a given mass, the loop however occurs at a higher luminosity. The blueward extension is similar or slightly shorter. -The tip of the red giant branch does not appear to be very different in the rotating models. We must stress here that not all the models have been computed strictly up to the Heflash, preventing us from reaching more definite conclusions. The above assessment relies on the case of the 1.7 M ⊙ model that was computed up to that stage. -Changes in the surface abundances occur at a much earlier evolutionary stage (see Sect. 5.4 below).
Figure 5 directly compares the rotating and non-rotating tracks for the 3, 7, and 20 M ⊙ models. We see that the present rotating tracks end the MS phase at lower effective temperature and higher luminosity than the non-rotating ones as found by previous studies (Heger & Langer 2000; . They cross the Hertzsprung gap at a higher luminosity than their non-rotating counterparts. This shift in luminosity persists for the remainder of the evolution. As a consequence, the Cepheid loop of the 7 M ⊙ occurs at a luminosity around 0.15 dex higher than in the non-rotating case. We note that this corresponds to an evolutionary mass that is about 15% lower for a Cepheid at a given luminosity. It has been proposed that mass loss and internal mixing might reconcile the evolutionary and pulsational masses for Cepheids (Keller 2008; Neilson et al. 2011 ): rotation would account for both effects and the masses inferred would thus be closer to the pulsational ones. The rotating 20 M ⊙ evolves back to the blue in contrast to the non-rotating one, indicating that rotational mixing, together with enhanced mass loss during the red supergiant stage, promote blueward evolution (see also Hirschi et al. 2004) .
As shown in Fig. 6 (blue solid line), rotation generally enhances the time spent on the MS, by about 25% throughout all the masses above 2 M ⊙ . The increase in the MS lifetime is caused by rotational mixing, which refuels the core in fresh hydrogen. It is striking to see how relatively constant the increase in the MS lifetime appears to be over this whole mass range. This shows that the effect of rotation scales very well with the initial υ ini /υ crit value. The picture is much less clear for the core helium-and carbon-burning lifetimes (not shown in Fig. 6 ). Some models have an extended lifetime, others shorter. The net result depends on many parameters, such as the choice of diffusion coefficients (which governs the size of the convective core and the mixing from or to the adjacent H-and/or He-burning shell), or the mass loss. Figure 7 compares the final and initial mass relations. For masses lower than 40 M ⊙ , the difference obtained between the rotating and non-rotating models is small. Above that mass, the rotating models up to 100 M ⊙ lose less mass than the nonrotating one. Only in the very upper mass range do the rotating models end with lower final masses than the non-rotating ones. This is caused by the non-rotating stars spending more time in regions of the HR diagram where the mass loss is stronger. By remaining in the blue part of the HR diagram, the rotating models pass from O-type mass-loss rates directly to WR mass-loss rates, without experiencing the bistability jump, and the red supergiant (RSG) and supra-Eddington mass-loss rates. Figure 10 presents the evolution of the equatorial velocity (left) and the υ eq /υ crit ratio (right), during the MS for all the models. Since we computed models with identical initial υ eq /υ crit ratio, the initial equatorial velocity varies with the mass considered: higher masses need a larger equatorial velocity to attain a given ratio. In Fig. 10 (left) , this is clearly visible: the 1.7 M ⊙ model draws the bottom black line, starting its MS evolution with υ eq = 170 km s −1 , while the most massive 120 M ⊙ model draws the upper red line on the ZAMS, starting its MS evolution with υ eq = 389 km s −1 . We bring our models onto the ZAMS assuming solid body rotation, an assumption that is no longer made after the ZAMS. As soon as we allow for differential rotation, a readjustment of the Ω-profile occurs inside the model, which explains the rapid drop in equatorial velocity at the very beginning of the evolution (Denissenkov et al. 1999) . Once the equilibrium profile is reached, the equatorial velocity evolves under the action of the internal transport mechanisms (which tend to bring angular momentum from the contracting core towards the external layers, spinning up the stellar surface) 7 and the mass loss (which removes angular momentum from the surface, spinning down the star). Fig. 10 . Evolution of rotation on the main sequence as a function of the central mass fraction of hydrogen for all the stellar models from 1.7 to 120 M ⊙ . Left: Evolution of the equatorial velocity. The curve for the 1.7 M ⊙ is the bottom line at the beginning of the evolution (X c = 0.72), and that for the 120 M ⊙ the upper line (increasing equatorial velocity for increasing mass). Right: Evolution of the υ eq /υ crit ratio. The curve for the 1.7 M ⊙ is the upper line during the MS, and that for the 120 M ⊙ the bottom line during the MS (decreasing velocity ratio for increasing mass).
Evolution of the surface velocities
In low-and intermediate-mass stars, the transport mechanisms are quite inefficient, but at the same time, mass loss is either absent or very weak (at least during the MS). Stars thus evolve with a quasi constant υ eq . This agrees with the results of Wolff et al. (2007) , who find that the rotation rates for stars in the mass range 6-12 M ⊙ do not change by more than 0.1 dex over ages between about 1 and 15 Myr.
With increasing mass, the internal transport of angular momentum becomes more efficient, but at the same time the mass loss becomes dominant, so the most massive models (M ≥ 32 M ⊙ ) quickly spin down. Therefore we see that the timeaveraged surface velocity is smaller (see Table 2 ) for stars in the mass range between 32 and 120 M ⊙ (between 100 and 180 km s −1 ), than in the mass range from 9 to 25 M ⊙ (∼ 200 km s −1 ).
It is interesting to compare the mean rotation velocity over the whole main sequenceῡ MS with the velocity of the stars at the end of the MS phase (see Table 2 ). We see that for stars with initial masses equal or superior to 32 M ⊙ , the surface velocity at the end of the MS phase is much smaller thanῡ MS , reaching a minimum of only a few km s −1 and reaching at most a value of 20 km s −1 . For these stars, we observe what might be referred to as a very strong mass-loss braking mechanism. The situation is qualitatively the same for stars in the mass range between 12 and 25 M ⊙ , although less spectacular since the mass-loss rates are much lower. For the masses below 9 M ⊙ down to 1.7 M ⊙ , the situation is different: the velocities at the end of the MS phase are nearly equal, and sometimes even slightly superior toῡ MS . This illustrates, as already indicated above, that in the absence of stellar winds, the surface continuously receives angular momentum transported by the meridional currents, and to a smaller extent by shears. If this were not the case, the surface would slow down simply as a result of its inflation and the local conservation of the angular momentum. For masses equal to or below 1.5 M ⊙ , we see thatῡ MS is also very similar to the velocities at the end of the MS phase, although much smaller than the initial velocities. This is the result of the very rapid braking exerted by the magnetic fields at the beginning of the evolution.
After the MS phase, the surface velocities and their evolution are depicted by the lines of iso-velocities drawn across the diagram in Fig. 9 . The surface velocity decreases rapidly during the crossing of the Hertzsprung gap for all masses. For all stars between 2 and 12 M ⊙ , the iso-velocity line corresponding to 10 km s −1 is nearly vertical with an abscissa in the range log(T eff ) = 3.65 − 3.7. When a blue loop occurs, the surface velocity increases, sometimes reaching the critical velocity as in the case of the 9 M ⊙ model. In this case, however, the proximity to the critical limit occurs over such a short duration that the star undergoes very little mechanical mass losses.
Looking at the velocities obtained at the end of the core Heburning phase in Table 2 , we see that the stars finishing their lives as WR stars have surface velocities between only a few km s 10 (right) illustrates that the overall evolution of the υ eq /υ crit ratio looks different from that of υ eq , at least for the models that do not undergo strong braking by mass loss. This is due to the evolution of υ crit itself: in the framework of the Roche model we use here, we have υ crit ∝ √ M/R. During the MS, M decreases with the mass loss, and R inflates, so υ crit decreases. This explains why models of low-and intermediate-mass that have a quasi constant or slightly decreasing υ eq have the υ eq /υ crit ratio that increases during the MS evolution. A more detailed discussion of this subject can be found in Ekström et al. (2008) . 
Evolution of the surface abundances
The evolution of the surface abundances depends upon both the mixing processes, which modify the composition of the internal stellar layers, and the mass loss, which removes the external layers and uncovers the deeper regions. Rotation, by driving mixing and enhancing mass loss is very efficient in enriching the surface, as has been shown by previous studies (Heger & Langer 2000; . The colour code in Fig. 9 illustrates this. The variation in the N/H ratio at the surface of various initial mass models at two evolutionary stages during the MS phase is shown in Fig. 11 . Only models with rotation are shown, since, for the mass range considered here, non-rotating models would not show any changes in the surface abundances and their track would be a horizontal line at an ordinate equal to 0, as can also be seen in Fig. 4 .
We see that changes in the surface abundances occur as soon as the MS phase for all masses above 1.25 M ⊙ (see also Table 2 ). The [N/H] ratio at the middle of the MS is higher by more than a factor of two at the surface of all stars with M > 13M ⊙ (see Fig. 11 ). If we consider the end of the MS phase, the minimum initial mass for which there is a factor of two enhancement in the [N/H] ratio is less than 6 M ⊙ . The variations in the [N/C] ratio follow the same trend as the [N/H] ratio. It is simply shifted to higher values since the carbon abundance varies faster than the hydrogen abundance at the surface of the stars.
As already discussed in Maeder et al. (2009) , the enrichment attained depends on both the initial mass (larger at higher mass) and the age (larger at more advanced stages). We see that this trend continues down to 1.7 M ⊙ . Below that mass, magnetic braking, by enforcing a large gradient in the rotational velocities in the outer layers, boosts the mixing of the chemical species (see also Meynet et al. 2011) and produces the peak seen in the low mass range in Fig. 11 . As mentioned in Sect. 5.1, the magnetic braking might be overestimated in these low-mass models, since the predicted enrichment is higher than expected in this mass domain. A smaller magnetic braking would probably allow the models to closely fit both the observed surface velocities and enrichments in this mass range. The present models, however, give the consistent solution obtained when a solar magnetic braking law is applied to stars with initial masses between 1 and 1.5 M ⊙ .
Looking at Fig. 11 , we see also that the curves form a kind of plateau in the mass range between 15 M ⊙ and 20-25 M ⊙ . This plateau is the result of two competing effects: first, as discussed in the review by Maeder & Meynet (2011, in press ), for a given interior differential rotation, mixing becomes more efficient in increasing initial stellar masses; second, when the initial mass increases, meridional currents also become more rapid in the outer layers; they are thus more efficient at eroding the rotational velocity gradients and make rotational mixing less efficient. Above the plateau, the effects of mass loss in uncovering the inner layers come into play, and the curves then increase more rapidly.
The evolution of the surface abundances after the MS phase in the rotating models is shown in colour scale in Fig. 9 , and the N/C and N/O ratios are given in Table 2 . When the star first crosses the Hertzsprung gap, its surface abundance is the same as the one reached at the end of the MS phase, since that phase is too short to allow any further changes in the surface abundances. As a consequence, slowly or non-rotating MS stars are not expected to show any changes in the surface abundances when they are on their first track towards the red supergiant stage, while those originating from moderately rotating progenitors on the MS band, would differ away from the initial abundances.
During the red supergiant phases, some additional changes in the surface abundances occur, resulting from the dredge-up and additional rotational mixing. Thus, the stars originating from moderately rapid rotators at that stage undergo stronger enrichments than those originating from either slowly or non-rotating stars. Typically, at the end of the core He-burning phase, the N/C ratios are of the order of 2 in our non-rotating models with initial As a consequence of the high mass-loss rates experienced by the stars between 20 and 32 M ⊙ during the red supergiant phase, strong variations in the N/C and N/O ratios are obtained. Values as high as those obtained at CNO-equilibrium are reached or in contrast, very low values owing to the appearance of He-burning products at the surface (because N is destroyed during core He burning).
Above 40 M ⊙ , we see He-burning products at the surface, hence the zero values obtained for the N/C and N/O ratios. Only the non-rotating 40 M ⊙ model has H-burning products at the surface.
Comparing Fig. 4 with Fig. 9 , we see that the portions of the tracks for which ∆ log(N/H) + 12 > 10 are more numerous and longer in the rotating models than in the non-rotating ones. This stage corresponds to a transition stage between the WN and the WC phases. When rotational mixing is accounted for, this transition is much smoother as already discussed by Meynet & Maeder (2003) , and thus this stage is longer.
In Fig. 12 , the observed positions of the solar metallicity stars in the log(g) versus log(T eff ), and log(N/H) versus log(g) planes are plotted (see the references for the observations in the caption of the figure) . To see whether the models provide a good match to these observations, one must check that the track for an appropriate initial mass closely reproduces both the surface ve- locity and the surface enrichment at the appropriate evolutionary stage. Since for most of the stars only the υ sin i is known (if it is known), we do not attempt any comparisons with the surface velocities. We merely assume that most of the stars should rotate with velocities near the observed averaged one for the B-type stars. In that case, the present rotating models should provide a reasonably good fit to the averaged surface enrichments.
The left panel of Fig. 12 indicates that most of the sample stars have initial masses between 7 and 32 M ⊙ . In the right panel of Fig. 12 , we see that globally, the theoretical models closely cover the ranges of observed abundances. We note that since the sample contains B-type stars, no observed points are plotted below log(g) ≃ 1. To facilitate the comparison, we have coloured in red the observed stars with the highest N/H values. Interestingly, these stars are all evolved stars, and most of them cluster around the 32 M ⊙ track in the two panels of Fig. 12 giving some support to the present rotating models.
For most of the observed points, the error bars in the N/H ratios are quite large (of the order of 0.20 dex). Only Przybilla et al. (2010) reported smaller error bars of the order of 0.05 dex 8 . Second, many stars have smaller N/H values than the initial value we adopted for our models. This might be because in some samples, stars of different initial metallicities, and thus different initial N/H ratios, have been observed. This again shows that precise and homogeneous samples are needed to provide constraints on the stellar models.
To test our models in a slightly different way, we have superimposed in Fig. 11 (see the lower hatched areas) the mean values of the N/H enhancements for B-type dwarfs stars with masses below 20 M ⊙ as given in Table 2 of Maeder & Meynet (2011, in press ). These mean values are obtained from the observations by Gies & Lambert (1992) and Kilian (1992) for a sample of 22 stars. The maximum observed values are shown in the upper hatched area. We see that the mean observed values are closely reproduced by our rotating models at the middle of the MS phase, which is quite encouraging. We can also see that the maximum values are reproduced well by the situation obtained in our models at the end of the MS phase. Some extreme cases can of course be found for very rapidly rotating models at an earlier stage, but the fraction of those stars is probably small (except maybe when regions rich in Be-type stars are observed).
Thus, we conclude from these comparisons that our models provide a good fit to the averaged observed surface enrichments.
Some consequences for massive star evolution
We defer a detailed discussion of the Wolf-Rayet populations expected from these models to a forthcoming paper (Georgy et al., submitted) . We discuss here only an interesting consequence of the present models for the evolution of stars passing through a red supergiant stage. As emphasized above, we implemented a new mass-loss prescription for those stars, which significantly enhances the mass-loss rate during this phase. We note that this enhancement occurs only above a certain mass limit, which is between 15 and 20 M ⊙ . This closely corresponds to the interval of masses containing the upper initial-mass limit of stars exploding as type II-P supernovae according to Smartt et al. (2009) . These authors indeed find that stars above a mass limit around 17-18 M ⊙ do not explode as type II-P supernovae, i.e. do not follow the characteristic lightcurve expected in the presence of a massive and extended H-rich envelope. Since red supergiants in the mass interval between 18 and about 30 M ⊙ are observed, one might wonder what kind of supernovae stars in this mass range would produce. Do they collapse to form a black hole, producing faint or even no supernova event? Or do they explode as type II-L, or type Ib supernova, as a result of the loss of the whole, or at least a great fraction, of their H-rich envelope? At the present stage, we would clearly favour this second hypothesis. There are indeed many observations (Smith et al. 2004; van Loon et al. 2005) indicating that red supergiants (or at least part of them) experience stronger mass loss than presently accounted for in the models, which has led recently some authors (Yoon & Cantiello 2010) to explore the physical mechanisms responsible for this. In their work, they invoked the possibility that pulsation might trigger mass loss. Here, we propose another mechanism, that the luminosity reaches the Eddington luminosity in the outer layers. As indicated above, this implies that the enhancement will only occur above a given mass limit, which seems to be consistent with the finding of Smartt et al. (2009) .
To predict whether stellar models will explode as either a type II-P or a type II-L supernova remains however difficult. We defer this discussion for a forthcoming paper, and only state that the present enhanced mass-loss rates favour the explosion as a type II-L or even a type Ib supernova.
Stronger mass loss during the red supergiant phase favours a bluewards evolution. This is a well known effect obtained many times in the past (see for instance Salasnich et al. 1999) . Thus, it changes the time spent in the blue and the red part of the HR diagram during the core He-burning phase. In Fig. 13 , we see, as found by Maeder & Meynet (2001) , that the first crossing of the Hertzsprung gap occurs more rapidly when rotation is accounted for. We also see that a large fraction of the end of the core He-burning phase (i.e., when Y 0.30-0.60) occurs in the blue part of the HR diagram in the rotating tracks. This is due to the combined effects of the enhanced mass-loss rates and rotational mixing, and has very important consequences for the blue to red supergiant ratio (B/R). In the models of Schaller et al. (1992) , the ratio of the blue to the red lifetime (red being defined by the time spent with an effective temperature below 3.65) for the 20 M ⊙ model is 0.2, while for the present non-rotating and rotating model, it is 0.7 and 1.5, respectively. The same numbers for the 25 M ⊙ models are respectively 0.10 (Schaller et al. 1992 ), 1.6 (present non-rotating), and 5.3 (rotating). Thus in that mass range, the B/R ratio is much larger with rotation. Whether it is sufficient to explain the B/R ratio observed in clusters remains to be studied and will be considered in a future paper. We note that at the metallicity of our models, the results found by Eggenberger et al. (2002) are between 1.2 and 4, in close agreement with our 20-25 M ⊙ rotating models.
Finally, this enhanced mass loss during the red supergiant phase lowers the minimum mass for single stars to become a WR star. Schaller et al. (1992) obtained an inferior mass limit of 32 M ⊙ (see Meynet et al. 1994) , while the present non-rotating and rotating models give 25 and 20 M ⊙ respectively. The consequences of this result for the WR populations at solar metallicity will be discussed in the next paper of this series.
Discussion and conclusion
We have studied for the first time, the impact of rotation on the evolution of single stars covering the mass domain from 0.8 to 120 M ⊙ in a homogeneous way. The present rotating models provide globally a good fit to the observed MS width, to the positions of the red giants and red supergiants in the HR diagram, and to the evolution of the surface velocities and the surface abundances. It is remarkable that such a good agreement can be obtained based on a unique well-chosen value of the initial υ/υ crit for most of the stellar mass range considered.
The rotating models provide a more realistic view than nonrotating models in the sense that only models including rotational mixing are able to account for all the above features at the same time. Using a larger overshoot in non-rotating models, for instance, could reproduce the observed MS width but not the observed changes in the surface abundances and obviously not the surface velocities. All the data as well as the corresponding isochrones are made available through the web 9 . In addition to an extended grid of models with rotation, this work also illustrates the consequences of our revised mass-loss rate for the red supergiant phase. With this prescription, the stars between 20 and 32 M ⊙ lose very large amounts of mass, enabling some of them to evolve back to the blue part of the HR diagram, to change significantly the times spent in the blue and the red part of the HR diagram during the core He-burning phase, to lower the initial mass of stars that become WR stars and to change the lightcurve at the time of the supernova event.
In the future, we will provide grids for other initial metallicities. A very fine grid in mass for low-mass stars (without rotation) has been computed by Mowlavi et al. (submitted) . This grid, computed with the same physics as here, allows very accurate interpolations for both age and mass determinations.
